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ABSTRACT

Models for the emission-line region of 3C 273 are derived by using ionization distributions calculated
with extrapolated forms of the observed photon flux. The calculated ionization distributions, which are
different from those assumed by previous workers, are used to make estimates of the relative abundances
of H, He, O, Ne, Mg, and Fe Estimates are also given of the physical parameters that characterize the
emission-line region.

I. INTRODUCTION

We present models for the emission-line region of 3C 273 that have been derived by
using extrapolated forms of the observed photon flux. The models are based on the
hypothesis (Schmidt 1963) that the redshifts of quasi-stellar sources are cosmological in
origin. Our work differs from that of previous authors (Greenstein and Schmidt 1964;
Shklovsky 1965; Osterbrock and Parker 1966; Burbidge et al. 1966) in that we calculate,
instead of assume, the ionization distribution of the nebula. The emission-line region is
required to be optically thin to electron scattering. Our calculated ionization distribu-
tions, which turn out to be different from those assumed by the previous workers, enable
us to make order-of-magnitude estimates of the relative abundances of H, He, O, Ne,
Mg, and Fe. We also derive estimates of the physical parameters that characterize the
emission-line region.

In § IT we describe the basic assumptions underlying our models, and in § III we out-
line the calculational methods used to obtain the ionization distributions and line
strengths. The principal features of the computed ionization distributions are described
in § IV and in Figures 1-5. The calculated line strengths for a typical model are given
in Table 2, which is discussed in § V. The observed and calculated line strengths are com-
pared in § VI. This section also contains a discussion of the helium abundance, the char-
acteristic parameters of the emission-line region, and our method of calculating the
strengths of the observed Fe 11 emission lines that are presumably produced by photo-
excitation (Wampler and Oke 1967). In § VII we describe the effect of some parameter
variations on the predicted line strengths; the photo-ionization cross-sections used in our
work are described in the Appendix. In § VIII we mention some of the improvements
that are required in our treatment in order to make the calculations fully self-consistent.
The principal conclusions from our work are summarized in § IX.

II. DESCRIPTION OF MODELS

Our models, following Greenstein and Schmidt (1964), presume a small central object
that emits a strong continuum flux and a large gas cloud that surrounds the central
source and emits the observed line radiation. We assume that the continuum intensity
in the far ultraviolet emitted by the central source can be obtained from the observed
intensity in the visual part of the spectrum by a smooth extrapolation which is not very
steep. In particular, we assume that for 3C 273 the central object emits a continuum
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flux F,dv, in ergs per second, that has the form
F, =F,, A> 9124, (1a)
P, = Fo ()" 124
y = Iy (m) , A<09 . (1b)

For our standard models we took F, from the photoelectric observations of Oke (1965),
i.e., Fo =8 X 10+ ergs sec™* (cps)™, and used a = 0.7. We describe in § VII the effect
of using different assumed values of Fy and a. We shall see in § VII that the predicted
line strengths from the most highly ionized ions, which could produce coronal lines, are
extremely sensitive to the assumed form of the continuum flux at high frequencies.
The central, continuum source is assumed to be responsible for the ionization of the
large gas cloud and for the short-term variations in the optical radiation (Smith and
Hoffleit 1963; Sharov and Efremov 1963, 1964). Since the continuum radiation must be
capable, by assumption, of exhibiting short-term variations (<1 year), the large gas
cloud (dimensions > several parsecs) surrounding the central source must be optically
thin to electron scattering. This requirement already distinguishes our models from those
of most previous authors. The gas cloud must therefore be in a thin shell or in filaments
distributed throughout the volume. In the models described in this paper, we assume
that the material is in the form of filaments or condensations, following Schmidt (1964;
cf. also Woltjer 1967). The condensations occupy a fraction e of the total volume of the
large gas clouds; each filament has the same temperature, chemical composition, and
total density. Our computer program is sufficiently flexible to permit the filling factor e,
the temperature, the chemical composition, or the density to depend on the distance from
the central source, but we have not found it necessary to adopt such dependences in
order to reproduce the established features of the emission-line spectrum of 3C 273.

III. CALCULATIONAL METHOD

The principal quantity we want to calculate is the intensity of each emission line.
First, however, we must find, for each element 4 of interest, the number densities,
N4,:(r), in the ith stage of ionization at a distance r from the central source. We must
also know the optical depth 7,(r) at each frequency ». The radiation flux ¢,(r) (in
photons per square centimeter per second), which is responsible for photo-ionization, is,
if radiation emitted in the large gas cloud is neglected,

F,e=™®
¢,(r) = () " (2)

The ratio of the continuum emission produced by hydrogen, helium, and free electrons
in the large cloud to that emitted by the central source is (Seaton 1960)

(continuum from large cloud)
(continuum from central source)

~ eN2vhV/F,, (3a)

< 0.01, (3b)

where N, is the electron density, /4 is Planck’s constant, ¥V is the total volume, and ¥
is a quantity tabulated by Seaton. The above relation was derived by assuming that
there is no absorption by the large gas cloud of the radiation emitted by the central
source. This assumption can be justified for wavelengths greater than 912 A by detailed
calculations of the kind described in § IV. For wavelengths shorter than 912 A, for
which absorption is important, we use the “on the spot” approximation for hydrogen
and helium, i.e., we assume that emitted photons are reabsorbed after traveling only a
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No. 3, 1969 MODELS OF EMISSION-LINE REGION 1079

short distance in the outer gas cloud. We have therefore neglected the emission by hydro-
gen and helium in the large cloud. We have also neglected emission by heavy elements in
the gas cloud (cf., however, § VIII).

We now summarize the basic equations we have used.

We assume a steady-state balance between ionization from ground states and re-
combination from the continuum. This balance implies that

Ni+1(f);a’°¢+1 = Ni[ .0/0395»(”)06(1’)(11' + <U7)>i] . 4)

Here a* is the recombination coefficient to the level &, ¢(v) is the photo-ionization cross-
section (which is, of course, zero for frequencies less than the ionization frequency), and
(ov) is the rate of ionization by electron collisions. For simplicity we have suppressed
everywhere the element label 4; we follow this practice in what follows wherever it is
convenient and clear. The optical depth 7,(r) was calculated from the relation

n(r) = e S Ao AINEL(Y) 4 g INTe I (/) 4 gFeTNT ()] (5)
0

The factor e occurs because of our assumption that the emitting material is in the form
of filaments. It is convenient for computational purposes to define a quantity ¥4,:(r)

by the equation
YA i(f) = NA ,‘+1(f)/NA ,'(7’) N (63.)
We can calculate Y 4,:(r) directly from equation (4). The quantity N4,:41(r) is given by

Nip(r) = Nl(f);cHlYk ) (6b)
where

IIY:= iV.... V.
k=1

Let Sa,i(r) be the fraction of the element A that is in the ionization stage 7. Then

s = [1+ ; (mfI;lym)]'1 , (7a)

l

si+1(r)=(gyk)/<1+iﬂym, i>1, (7b)

1=1 m=1
and
c+1

; Si(r) = 1. (70)

Here ¢ -+ 1 is the total number of stages of ionization for the element 4.

In carrying out the numerical calculations, we first determine the hydrogen and
helium ratios by number, i.e., the ¥’s. At an initial point r; (<1pc), we assumed that
all the hydrogen was in the stage H 11 and all the helium was in the stage He 111. We then
chose a value of the total number density Niotar and a hydrogen-to-helium ratio by
number (cf. Table 1). The following relations are satisfied by definition at 7 = 7;:

Ne(fl) = Ntotsl(rl) (83,)
= NH3(p) + 2NHe "(r,)
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where N, is the electron number density, and
NHI(y) = NHel(y))
= NHe¥(ry) (8b)
=0.

Equations (4)—(6) can now be solved at a larger radius 7, - dr, for all the hydrogen and
helium ¥’s, N., and 7,. The results are used to determine these quantities at a still larger
radius, etc. The values of 7,(r) determined in this way are used afterward to determine
the heavy-element ratios, or I’s.

TABLE 1

ABUNDANCES BY NUMBER RELATIVE TO HYDROGEN
ASSUMED IN OUR CALCULATIONS OF
EMISSION-LINE STRENGTHS

Element Relative Abundance
He . TX1072, TX1078, TX 104
C . 2X10—*
N. . . 6X10-3
6] . 610~
Ne . . 1X10—+
Na . - . 2X10-¢
Mg .. . 4X10-5
Si . .. 3X10-5
Ar . 2X10-8
Fe .. ... 6X10-°

The emission-line strengths can be calculated from the dimensionless integrals:

]A,i = fDSA,i(r,) (104].\28((;2_3) (ld;/;l)s ’ (93“)

where D is a suppression factor that takes account of electron de-excitation as well as
photon decays other than the ones in which we are interested. For a transition of interest
from a state 7 to a state s in which a set of alternate final states {¢} exists,

D= AH,,/(;AH, + (av)Ne>. (9b)

The power emitted in a line of wavelength A formed by recombination is

E4 (recombination) = 5.8 X 107 ergs sec el 4,11 <_]lﬁlement_

The corresponding equation for a line formed by electron excitation is

(10)

0™ cm™

+3
E4 ;(electron excitation) = 5.0 X 107% ergs sec™lel4,; ( lNelement ) (107\ A)
Q AE S
- —1/2 —_ .
X [<winitial state T4 eXp 0861 T4>:, )

1)
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No. 3, 1969 MODELS OF EMISSION-LINE REGION 1081

In equation (11), ©/winitial state 1S the usual collision strength (Seaton 1958), T'; is the
temperature in 10+* °K, and AE is the excitation energy in electron volts. For the
conditions defined by our problem, excitations by protons and hydrogen atoms are
negligible (cf. Bahcall and Wolf 1968). The equivalent width, w, of an emission line
that emits an amount of power E in a line of wavelength \ is:

E 8 X 10 ergs sec™ (cps)™!
— +3 3)2
w = 0420,/10% ) ({575 o —)( = . (12)

1IV. DEPENDENCE OF IONIZATION STAGES ON DISTANCE FROM CENTRAL SOURCE

We report in this section the ionization distribution in some models of 3C 273 that
have the following parameters: ¢ = 1073, N, (r = 0) = 2 X 10*® cm~3, and electron
temperature T = 1.7 X 10™ ° K. Some discussion of the effects of varying these parame-
ters is given in § VI¢. The abundances by number used in our calculations are given in
Table 1. With only two exceptions, the values used are the usual solar abundances taken
from Zirin (1966). The two exceptions are the sodium abundance, which is taken equal
to the average cosmic abundance given by Allen (1963), and the helium abundance.
We have tried three different values for the helium abundance, 7 X 107%, 7 X 1073, and
7 X 1074, because the opacity of helium influences the predicted line strengths of other
elements and because the observed line strengths suggest (cf. § VI) that the correct
helium abundance is less than the solar value of 5.5 X 102 (Bahcall, Bahcall, and
Shaviv 1968).

We show in Figures 1-5 the variation with » of the fractional abundances of the vari-
ous ionization stages of H, He, C, Mg, and Fe. The largest radius considered is 15 pc,
which corresponds approximately (cf. § V) to the outer radius of the large gas cloud in
our standard model. Figures 1 and 2 show the dependence of H 1, He 1, He 11, and N,
on 7 for (He/H) = 7 X 102 and 7 X 1073, respectively.

A few features deserve special comment:

1. The highest stages of ionization in our models dominate over almost the entire
range of 7 (see especially Figs. 3-5); the lower stages of ionization are significantly popu-
lated only for radii greater than 10 pc. Note in Figures 3-5 that C 11, C 1v, Mg 11, and
Fe 11, all of which give rise to important emission lines in quasi-stellar sources, are rela-
tively populous only in the outer edges of the nebula. This situation exists because of the
large absolute luminosity of 3C 273 and the flat ultraviolet spectrum we have assumed.
Both high stages of ionization (e.g., Fe x1 and Fe x111) and low stages of ionization (e.g.,
Mg 11, Fe 11, and O 111) are produced by the assumed photon flux. The calculated ioniza-
tion distribution is reminiscent of the wide range of ionization stages found in Seyfert
galaxies (see, e.g., the recent study of NGC 4151 by Oke and Sargent 1968), which may
also be caused by predominantly photon ionization with a relatively flat spectrum. The
very high stages of ionization of Fe (e.g., Fe x111 and Fe x1v) are characteristic coronal
features but are here due to the strong ionizing flux of photons, not high electron tem-
peratures.

2. The ionization distribution we calculate differs significantly from any of the as-
sumed distributions postulated by previous authors. For example, Greenstein and
Schmidt (1964) assumed that the ionization distribution in the emission-line region was
similar to that in planetary nebulae. Our calculations indicate that, among other things,
the higher stages of ionization are much more populated in 3C 273 than in planetary
nebulae because of the much larger intrinsic luminosity and flatter spectrum that
characterize quasi-stellar sources. Osterbrock and Parker (1966) assumed that the second
through sixth ionization stages of the most abundant elements were equally populated
and contained all of the ions. This assumption is in serious conflict with our calculated
results. Burbidge ef al. (1966) assigned various ionization stages to the three different
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Fi1c. 1.—Fractional abundance of H 1, He 1, He 11, and N, (electron density) as a function of distance
f(rom ;he cen)tral source for N(He)/N(H) = 7 X 1072, Fractional abundance of N4,; is defined as
N4a,i/ZiNa,j).

N (He)

10-!

1072 |-
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F16. 2.—Fractional abundance of H 1, He 1, He 11, and N, as a function of distance from the central
source for N(He)/N(H) = 7 X 1073,
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F16. 3.—Fractional abundance of some carbon ions as a function of distance from the central source.
Here N(He)/N(H) = 7 X 10~3. Notice that C 1 and C1v, which give rise to important ultraviolet
lines, are mainly present in the outer parts of the nebula.
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Fic. 4.—Fractional abundance of some Mg ions as a function of distance from the central source.
Here N(He)/N(H) = 7 X 1073 Notice that Mg 11 is present only at the outer edge of the nebula.
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zones. Their assignments also disagree with our calculated results since, for example,
their region containing the easily ionized Mg 11 is nearest the strong central source.

3. For a helium abundance of 7 X 1072 (cf. Fig. 1), He 11 constitutes a significant
fraction of the total helium abundance over a large part of the nebular volume. In the
corresponding model, He 11 contributes greatly to the opacity at high frequencies. For a
smaller helium abundance, e.g., the value of 7 X 10~ used to obtain Figure 2, He 11
begins to build up only at the outer edge of the nebula and therefore contributes a
smaller amount to the opacity. This effect on the opacity is of some importance in de-
termining the ionization stages of the other elements.

| T T T T T T T T T

o
1

FRACTIONAL ABUNDANGE
o
®

o
I
W

1074
5 6 7 8 9 10 11 12 i3 14 15

r(pc)

Fi1e. 5.—Fractional abundance of some Fe ions as a function of distance from the central source. Here
N(He)/N(H) = 7 X 10~3 and a = 0 7. Note the presence of very high stages of jonization capable of
giving rise to coronal lines.

4. In the outer parts of the nebula, the ratio (H 11/H 1) maintains a constant value
of about 0.1. This result is due to the dominance of collisional ionization (which is inde-
pendent of radius) when the central ionizing radiation is greatly reduced. The cor-
responding effect does not occur for helium because of its high ionization potential.
Hence, He 1 dominates at the outer edge of the nebula.

V. CALCULATION OF EMISSION-LINE STRENGTHS

The outer radius of the emission-line region, R.m, was fixed by requiring that the total
energy emitted in the Mg 11 22798 line be equal to the value of 4 X 10™3 ergs sec™
measured by Greenstein and Schmidt (1964). Values of Rem equal to 11.4, 14.2, and
14.8 pc were obtained for the models with helium abundances equal to 7 X 1672, 7 X
103, and 7 X 107*, respectively.

We give in Table 2 the calculated strengths of most of the lines in the observable
region of the spectrum of 3C 273 that either appear in Schmidt’s (1965) finding list for
quasi-stellar sources or have been identified in 3C 273 or other quasi-stellar sources
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MODELS OF EMISSION-LINE REGION 1087

(Burbidge et al. 1966; Wampler and Oke 1967). A few additional lines, such as the He 1
lines and the coronal lines of Ar and Fe, have been added because of their special interest.
The line strengths were calculated by using equations (9)—(11) of § I1I. The values of
I4,; computed for the model with a helium abundance of 7 X 10~ are given in Table 3.
These values of I4,; do not include the suppression factor D defined by equation (9b);
this factor was calculated separately for each forbidden line of interest. Note the rela-
tively large values of 1,4,; for the highest stages of jonization. The strengths and equiva-
lent widths of other lines that might be of special interest to the reader can be easily
calculated from equations (10)-(12), Table 3, and Figures 1-5. The recombination co-
efficients for hydrogen and helium were obtained by interpolation from the work of
Seaton (1960). The values of @/w for most of the lines have been taken from the compila-
tions of Osterbrock (1963), Williams (1967), or Bahcall and Wolf (1968), and are given
in column 2 of Table 2. The Fe xi11 collision strengths were taken from Kurt (1963), and
the Fe x1v strength, from Seaton (1964); the collision strengths for the other coronal
lines were crudely estimated from the (7 4 1)? rule of Seaton (1964) and could easily be
in error by a factor of 3 or more. A few collision strengths were simply guessed from the
published values for analogous transitions. The collision strengths listed as (1?) were
not estimated, since their exact values were unimportant. The rates of photon decays,
i.e., A’s used in calculating the suppression factors (cf. eq. [9b]) for all cases where sup-
pression is significant, were taken from the compilation of Wiese, Smith, and Glennon
(1966). The excitation energies of the upper states are denoted by E. and are given, in
electron volts, in column 3 of Table 2.

The computed equivalent widths and total emitted power are given in columns 4-9
of Table 2 for the three models with helium abundances varying from 7 X 10~% to
7 X 10~ The corresponding observed values of the emission strengths are given in the
last column; the values determined by Greenstein and Schmidt (1964) are marked by a
superscript GS, those measured by Oke (1965) are marked by a superscript O, and those
given by Wampler and Oke (1967) are denoted by WO. The upper-limit estimates for
1(;he equivalent widths of the unobserved lines are a private communication from Oke

1968).

VI. COMPARISON WITH OBSERVED LINE STRENGTHS
a) General Agreement

The general agreement between the calculated power, using solar abundances and
Niotar = 2 X 10° cm™3, and the observed strength of the emission lines is satisfactory
except for He 11 A4686 and [O 111] 5007. The strongest observed lines, Ha, HB, Mg 11
22798, and the Fe 11 lines (cf. § VId), are calculated to have relatively large emission
strengths which approximately match the measured values. The many other lines which
appear either in the spectra of different quasi-stellar sources or in the finding list of
Schmidt (1965) have small calculated strengths. We now examine, in successive subsec-
tions, the special problems associated with the helium abundance, the characteristic
parameters, the Fe 11 lines, and the Na 1 lines.

b) The He Abundance

Oke (1968) has kindly provided us with an upper limit on the equivalent widths for
He 11 M686 (cf. Table 2). In order to obtain an equivalent width with our models that
is as small as Oke’s upper limit, we must assume a helium-to-hydrogen number ratio of
the order of 5 X 10~3. (This result is consistent with the findings of Osterbrock and
Parker 1966, who, however, assumed a priori a special ionization distribution.) This is a
factor of 10 lower than the most recent estimate of the solar helium-to-hydrogen ratio
inferred from solar-model calculations (Bahcall ef al. 1968). The low value of the helium-
to-hydrogen ratio required for 3C 273 by the lack of observation of He 11 N4686 improves
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somewhat the agreement between the predicted and observed (Schmidt 1968) strength of
[Ne 111] N\3869.1 The effect of parameter variations on the predicted line strengths of
He 11 is shown in § VII to be only of the order of a factor of 2 or 3. The discrepancy of
a factor of 2 between the observed and predicted values of the Balmer lines is consistent
with our uncertainties in calculation. It would be useful to attempt a more accurate
search for He 11 A4686.

¢) Characteristic Parameters

The identification of Fe 11 lines in the spectrum of 3C 273 by Wampler and Oke
(1967) has led to the recognition that the strengths originally estimated for [O 111] 5007
(Greenstein and Schmidt 1964; Oke 1965) are largely due to Fe 11. Oke (1968) has kindly

TABLE 4

SOME EMISSION-LINE STRENGTHS AND OTHER QUANTITIES FOR MODELS
WITH DIFFERENT TOTAL DENSITIES

HB He 11 [0 1] [O 111] [Ne 111] [Ne v]
g}:ﬁ‘;‘) ( aﬁecs) (1\ ;;SS) 4861 | A4686 A3727 5007 23869 23426 Telectron
P © &) (&) &) &) &) &)

(a) e=10"3
6X107 17 6X10¢ 180 9 6X1072 4 5X101 6 2X1071
2X107 35 8X 104 160 8 2X1072 10 1 8 1 5%107
1107 5 1105 140 7 41072 30 2 10 1X1071
6108 7 2X105 120 6 7X102 45 2 10 8X102
2X 108 14 6 X105 105 6 2X1072 65 2 10 6X1072
5% 108 35 2X 108 95 5 6X1072 160 2 11 4X1072
2 5X108 55 4108 90 5 8X1072 170 2 11 3X1072

(8) e=10"¢
2X107 635 6104 120 6 2X 1072 15 2 14 2 5X10°2
2X108 29 5X108 90 5 2X10™1 55 2 18 1X1072
6105, 62 1108 80 5 3X10 80 1 24 7X103

Nore.—The number ratio of helium to hydrogen used in all the models is 7 X 10-3; all other abundance ratios were assumed
equal to their solar values The radius was chosen so that the energy emitted in Mg 11 A2798 was equal to its observed value.
Calculated strengths of the lines are given in angstroms of equivalent width,

estimated for us an upper limit on the actual equivalent width of [O 111 A5007]. His upper
limit of 15 A places a severe requirement on the density (cf. § VIII for a brief discussion
of the possibility of photo-ionization for the metastable 1D state). In Table 4 we give
the calculated equivalent widths of the emission lines of major interest obtained from
models with total densities in the range (2.5 X 105 cm~%)—(2 X 107 cm—%). Two different
filling factors, e = 1072 and ¢ = 10, were used.

1 We have tried several schemes, all unsuccessful, in an attempt to avoid such a low helium abundance.
One obvious scheme involved a model in which the photon flux was cut off exponentially at 45 eV, a
value that lies between the ionization potential of Ne 11 (41 eV) and that of He 11 (54 €V). This model
does predict, even for a solar helium-to-hydrogen ratio, an unobservably small line emission in He 1 and
He 1. However, such a model is unacceptable because it predicts huge equivalent widths for [O 111] A5007
and [Ne 1] A3869 (the predicted equivalent width for A5007 was 775 A, and for A\3689 it was 115 A).
The line at A5007 is very strong in this model because the ionization potentials of He 11 and O 11 are
practically the same and thus almost all of the oxygen is in the form of O m1.
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A number of conclusions follow from a comparison of the calculated equivalent widths
given in Table 4 with the observed widths given in the last column of Table 2. A density
greater than or of the order of 1 X 107 cm™3 is required to prevent the calculated strength
of [O 1] N5007 from appreciably exceeding the observational upper limit. The strength
of the He 11 line at A4686, which is due to recombination from the predominant ioniza-
tion stage He 111, is almost independent of density. This result reinforces the statements
made in the previous subsection regarding the helium abundance in 3C 273. The calcu-
lated strength of [Ne 111) A3869 is in rough agreement in all cases with the value observed
by Schmidt (1968) (cf. Table 2). The calculated strengths of the neutral lines of He 1,
01, Ne1, and Mg1 are, in all cases, unobservably small. The fact that [Ne V] 3426 is
not observed in 3C 273 could imply a large density (>5 X 107 cm™%), but could also be
caused by de-excitation (cf. § VIII). There is no strong reason, on the basis of the calcu-
lated line strengths, to prefer either e = 1073 or ¢ = 10~ The parameters that seem to
characterize best the emlssmn-hne region under our assumptions are a radius R ~ 3-5 pc,
a total density ~1-5 X 107 cm™3, and a total mass ~1 X 10° Mo.

d) Fe 1 Emission Lines

The calculated strengths of the Fe 11 lines identified by Wampler and Oke (1967) are
in approximate agreement, in our models, with the measured intensities. We have esti-
mated the energy in these lines by using the physical mechanism, but not the mathe-
matical relations, suggested by Wampler and Oke (1967). They suggested that the
physical mechanism for production of the line was photo-excitation from the ground
states of Fe 11 to a set of excited states at approximately 5 eV. Occasionally one of the
photo-excited levels decays to the metastable levels at approximately 2 eV, a process
that gives rise to the observed diffuse emission in the bands at A\4450-4650 and AA5100-
5400, Wampler and Oke used a set of equations to calculate the energy emitted in the
lines of Fe 11 which, among other things, does not conserve energy. The energy that they
calculate for the Fe 11 lines goes to infinity as the number of scatterings goes to infinity.
The actual intensity in the Fe 11 lines is, of course, bounded by the energy that can be
removed from the continuum source.

The basic idea underlying our calculation of the strength of the Fe 11 lines is energy
conservation. Let the optical depth near the Fe 11 resonance absorption lines be de-
noted by:

7(») = 7ox? exp (—2?), (13a)

where
x= (@ —wvp)/A. (13b)

The quantity A can be estimated from Figure 2 of the paper by Wampler and Oke and is
of the order of 5 X 102 cycles sec™. Since the optical depth at resonance, 7o, is large
(~10% in our models), photons with frequencies near a resonance absorptlon frequency
will be scattered many times. At each scattering the photon has a chance Asm/A421 ~ 3 X
10~ of disappearing from the beam. Here A2, is the average rate of photon decay from
the excited states at approximately 5 eV to the metastable states at approximately 2 eV,
and 42 is the average decay rate from the excited states back to the ground state. Each
loss of a resonance photon is accompanied by the appearance of one of the observed
photons that are emitted in transitions from states 2 to the metastable states m. Ac-
cording to the calculations of Bahcall (1967), a photon will usually make a transition to
a metastable state if 7(v) (dom/A2)"/? is greater than unity. We therefore define a
critical frequency ».r by the relation

: T(Vcr) (Azm/A21)1/2 =1. (14)

Note that v depends only weakly on 7o, essentially logarithmically. This weak de-
pendence on 7o enables us to make a fair calculation of the emitted energy, even with a
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crude model. The basic relation we use for calculating the energy emitted in the Fe 11
lines is

,res+l Yoritical "res

EFe I = f FodV ) (158.)

v ycritioal_’resl

res

= 2FOchl'itica.l - Vresl . (ISb)

Here F, is the energy emitted by the continuum source per cycle per second in the fre-
quency range around Vresonsnce and is (cf. eq. [1]) ~8 X 10% ergs sec™? (¢ps)~. From our
models we estimate that, for densities in the range of 107 cm™3,

N(Fem) drr?
N(Fe) (1 pc)

Combining equations (13)-(16), we obtain
Epen = 6 X 10% ergs sec™ €Y))

S

-~ 21t03 X 10°, (16)

if the iron abundance is the same in 3C 273 as in the Sun. The calculated value of
Egpe 1 is of the same order of magnitude as the observed value (Wampler and Oke 1967).

e) Na1

There is one outstanding exception to the semiquantitative agreement between our
calculated line strengths and those measured and identified by the several observers.
Wampler and Oke (1967) identified a line with a rest wavelength near 5890 A with the
D-lines of Na 1. The D-lines have very small calculated strengths in all our models, since
Na1 atoms are ionized by the numerous photons with energies greater than 5.1 eV
(Mo < 2400 A). If our models are assumed to be basically correct, then one of three
alternatives would seem to be required: (1) there are small, shielded H 1 regions within
the large emission-line cloud, (2) the identification of an observed emission line with Na1
is invalid, or (3) the Na 1 lines arise in a region far from the central source and emission-
line cloud.

VII. PARAMETER VARIATIONS

We have investigated the influence on the predicted line strengths of the assumed
parameters, the spectral index a and the absolute strength Fy, that characterize the ioniz-
ing continuum spectrum. The predicted line strengths are proportional to the dimension-
less integrals 14, defined in § ITI. We illustrate in Table 5 the dependence of these
integrals on the spectral index. The calculations summarized in Table 5 were carried
out for two different values of the spectral index, a = 0.2 and a = 1.2; the calculations
described in § V were performed assuming a = 0.7. In all cases the radius of the nebula
was fixed by requiring that the predicted line strength for the Mg 11 doublet agree with
the observed line strength. Note that the highest and lowest stages of ionization are
strongly influenced by the spectral index. The uncertainty in the predicted line strengths
that is due to the uncertainty in the photo-ionization cross-sections is examined in the
Appendix. This additional uncertainty is not large for He 11, but could be as much as a
factor of 3 for Fe 1. The change in spectral index from 0.2 to 1.2 changes by a large
factor the number of high-frequency photons that produce the highest stages of ioniza-
tion. The lowest stages of ionization are populated only at the extreme outer edge of the
nebula, and a small change in the nebular radius can produce large changes in the
integrals I, ; for low stages of ionization. The influence of changes in a is not uniform for
all elements. Hence the adjustment of the radius required to produce the correct Mg 11
emission can introduce large changes in the predicted line strengths for the low stages of
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ionization of other elements. The intermediate stages of ionization, such as O 1m1—O viI,
maintain relative stability under changes in the spectral index.

The dependence of the strengths of the He 11 and Fe 11 lines on a and F is of consider-
able interest. We found that the predicted He 11 A4686 line strength is uncertain by a
factor of 2, and the Fe 11 line strengths by a factor of 3, if a is allowed to vary in the
range 0.2-1.2 and F in the range 4 to 16 X 10% ergs sec? (cps)~™.

A change in the assumed value of ¢ from 1073 to 10~* did not affect the relative abun-
dances of any of the observed lines (cf. Table 4) by as much as a factor of 2. However,
this variation in e did cause the calculated radius to increase from a typical value of
14 pc for e = 1073 to 29 pc for e = 10~ Moreover, the calculated high stages of ioniza-
tion, which give rise to the predicted coronal lines, were decreased by a factor of the
order of 10.

VIII. NECESSARY IMPROVEMENTS

We have made a number of approximations in deriving the models described in
previous sections. We indicate here those approximations that are most obviously and
urgently in need of improvement (see Tarter 1967 for some possible ways of proceeding).
We have investigated whether or not our calculated ionization distribution is consistent
with our assumption (cf. eq. [5]) that the main contribution to the opacity, at all frequen-
cies and at all positions in the nebula, comes from hydrogen and helium. We find that our
approximation is valid in the outer regions of the nebula where the low stages of ioniza-
tion dominate. In the inner regions of the nebula, hydrogen and helium are almost com-
pletely ionized, and their opacity is consequently small. In this region, however, the
contribution from ions of other elements such as C, O, Ne, and Mg is appreciable at high
frequencies and should be taken into account in improved models. Our predictions of
line strengths from highly ionized atoms are uncertain because (among other things) of
our neglect of the opacity of the heavier elements. Our assumption (eq. [3]) that the
secondary continuum emission from the large gas cloud is small compared with the
continuum emission from the central source is probably not well satisfied, for all posi-
tions in the nebula, at wavelengths much shorter than 912 A. We have also represented
the intimate coupling between the radiation field and the kinetic energies of the particles
in the crudest possible fashion, namely, by a kinetic temperature that is constant in time
and space. We have made a similar oversimplification concerning the total particle
density by assuming that it is independent of distance from the central source. We have
also neglected (except for the Fe 11 lines) the contribution of photo-excitation to the
emission-line strengths. Photo-excitation is probably significant for many lines, but we
do not yet know in a general way the kinds of lines, or the conditions, for which it will
be most important. We have not included explicitly photo-excitations out of metastable
states. Such processes could in principle decrease greatly the emitted intensities of lines
from metastable states, for example, [O 1] A3727, [O 111] A5007, and [Ne 111] A3869 (cf.
Pfleiderer and Grewing 1967; Burgess 1967). However, in our models these ions occur
only at the outer edge of the emission-line region, and in this area the opacity to photons
of the required wavelengths, A ~ 700-300 A, is so large that the available photon flux
is too small to be of importance. The most likely exception to this general statement re-
garding ions with forbidden-line transitions is [Ne v] A3869, which can exist in regions
of somewhat lower opacity. Moreover, there are strong transitions at approximately
150 A capable of photo-de-exciting the 1D state that gives rise to A3869. The opacity at
150 A actually is sufficiently small in some of our models to permit the photo-de-excita-
tion of Ne v to occur, but this fact is only suggestive, since we have not included, for
example, the opacity of the heavier elements. Many of our models are optically thick to
free-free absorption in the wavelength range of several centimeters and longer. If one
believes that the varying radio emission comes from the same position as the optical
continuum, then the models should be made thin also for radio waves. This could be
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achieved by requiring that ¢ < 10~ or by having some essentially empty lanes in the
emission-line region (Rees 1968). We have ignored all dynamical effects and, in particu-
lar, have not considered the likely possibility (Bahcall 1967) that the emission-line
nebula is expanding.

IX. CONCLUSIONS

We summarize here some of the more obvious and important inferences that follow
from the calculations described in the previous sections. The ionization equilibrium in
the presence of a strong, relatively flat photon flux is different from that in planetary
nebulae or in the various theoretical models previously proposed for the emission-line
regions of quasi-stellar sources. The variety of ionization stages present in our models is
similar to that observed in the nuclei of Seyfert galaxies and may arise from the same
mechanism, namely, photo-ionization by a relatively flat spectrum. In particular, we
find that high stages of ionization dominate over most of the volume of the nebula; the
lower stages of ionization are populated only at the outer edges of the emission-line
nebula. In addition to the normally observed emission-lines from low stages of ioniza-
tion, our models predict the existence of coronal lines in the far infrared. The actual
strengths of the predicted coronal lines are, however, extremely sensitive to various
parameters and hence are poorly determined in our models. We have obtained semi-
quantitative agreement with the strengths of the lines actually observed by calculating
the ionization equilibrium in the presence of an extrapolated form of the observed
continuum spectrum. The quantities characterizing the emission-line nebula in our
models are a radius R ~ 5 pc, a total density NV ~ 107 cm™3, a fraction of the total
volume that is occupied € =~ 10~%-10—% and a total mass of the order of 10° M o. The
agreement with observation was obtained by using solar elemental abundances except
for helium. Our results suggest that the fractional abundances of hydrogen and mag-
nesium are roughly equal to their solar values and that the abundances of oxygen and
neon are not much larger than their solar values. The He abundance that gives the best
fit to the observed line strengths is about a factor of 10 below the solar helium abundance.
Our calculation of the strength of the Fe 11 lines (cf. § VId) suggests that the fractional
abundance of Fe is not too different from the solar iron abundance.

We are grateful to J. B. Oke for valuable conversations and for communicating to us
his estimated upper limits for equivalent widths of unobserved lines. It is a pleasure to
thank J. L. Greenstein and M. Schmidt for helpful comments on this manuscript and
M. Rees for stimulating discussions.

APPENDIX
CROSS-SECTIONS FOR PHOTO-IONIZATION
For the photo-ionization cross-section of H 1 and He 11 we used the formula
a, = ap(vo/v)?, (A1)

where a, is the cross-section at the spectral head and v, is the corresponding frequency. The value
of ¢ is 6.3 X 1018 cm? for H 1 and 1.8 X 10728 for He 11. The cross-section for He 1 was taken
from the work of Huang (1948); we used the dipole formula.

Seaton (1958) fitted the cross-sections for ions with configurations 2p? to the polynomial

g, = 10—1803[a (V—Z)_ + (1 —a) (V-"i))-“ﬂ)]m’ . (A2)
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Seaton gives the constants C, B, a, and s for Ne 1-v, Mg 111-v, O 1-1v, N 1-111, C 1-11, N2 11—V,
and Si v.
For the higher stages of ionization of these elements we used the procedure of Williams (1967).

He assumed the form
Vo 2
o =5(%), (A3)

where B is the value of the cross-section at the spectral head. In order to determine the value of
B, he assumed that, for all the ions in the isoelectronic sequence, the absorption cross-section
at the spectral head satisfies the relation

_k
T g41°

where % is the cross-section of the least ionized member of the sequence.

For the cross-section of Mg 1, we used the experimental results and extrapolations of Ditch-
burn and Marr (1953). We extrapolated the theoretical work of Bierman and Liibeck (1949)
to obtain a cross-section for Mg 11. We also included in our investigations the elements Ar, Si,

B

(A4)

TABLE A1l

VALUES OF B FROM EQUATION (A3) FOR Si, Ar, AND Fe
(units 10718 cm?)

STAGE OF IoNIZATION
ToN _—
1 l b hiis v v vI ‘ VII VIIT X X X1 XII XIIL
Si 11 48| 45 17 32 10 0411 12 1910741 .. .
Ar. 350100 20} 40| 08} 06} 02003 05] 06/]024) 07 0.8
Fe . 121 024 52 32 25 135 011001 40 20(06 10| 0.2

and Fe. Unfortunately, very little theoretical and experimental information is available for the
cross-sections of these heavy elements. A summary of the available information can be found
in Ditchburn and Opik (1962). For the cases not discussed by Ditchburn et al., we used rough
extrapolations and guesses. We adopted for all these cases an expression of the form of equation
(A3). Table A1l contains our estimates for the values of B for Si, Ar, and Fe.

We also examined the sensitivity of our predicted line strengths to changes in the photo-
lonization parameters. We calculated, for example, the eleven integrals Is;,; for five different
sets of photo-ionization parameters. The first set, A, was the standard set (cf. Table A1) used
in our model calculations. The other four sets differed from A in that the cross-section parameters
for one ionization stage (per set) were altered. For set B, B(stage viir) = 0.1 Bstandard (Stage
vian); for set C, B(stage 1) = 7 X Bstandara (stage I); for set D, a” o (v/vo)8 for stage 1; and
for set E, a, = (v/vo)~8 for stage vI. In Table A2 we present the values of the integrals Ig; ; ob-
tained using these five sets of photo-ionization parameters. The greatest difference between the
integrals calculated for the standard and the altered sets of photo-ionization parameters oc-
curred either in the stage in which the alteration was made or in an adjacent stage. Note that
the sensitivity of the integrals Ig; s, and therefore the emission-line strengths, to the changes
made is not very great.

For the lighter elements H, He, C, N, O, Ne, and Mg we have used fairly accurate cross-
sections. Since the sensitivity of the predicted line strengths to changes in the photo-ionization
cross-sections is not very great, we conclude that for these lighter elements our ionization calcu-
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lations are not appreciably in error due to uncer-ainties in the photon cross-sections. The un-
certainty in the cross-sections is large for the heavier elements, like Ar, Si, and Fe. However,
the lack of high sensitivity of the calculated ionization conditions suggests that our results
should be at least semiquantitatively correct.
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